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Abstract

We have observed about 600 old disk K giants with both broadband photom-
etry and medium resolution spectroscopy. These giants are located in strate-
gically chosen galactic low absorption windows in the plane of the disk. The
spectroscopic observations gave accurate radial velocities, and together with the
photometric observations gave an estimate of each star’s chemical abundance
and photometric parallax. As a result we have measured the radial variation of
(VRr), (Vo), OR, 0, (the mean motions and velocity dispersions in the plane of
the old disk), as well as the radial variation of [Fe/H], over a long baseline in
galactocentric radius.

The observed exponential decrease with radius of the radial component of
the velocity dispersion gives an estimate of the disk’s radial scale-length which is
consistent with other recent structural determinations. This agreement between
the structural and kinematic scale-lengths indicates that the velocity dispersion
of the old disk is uniformly anisotropic in the R,z plane, throughout. The
inner parts of the old disk of the Milky Way are quite hot (0 ~ 100 km sec™?).
This is important, as it may be these random motions which stabilize the disk
against global bi-symmetric modes. Possible mechanisms to produce these large
random motions are discussed.

The run of the tangential component of velocity dispersion gives another
kinematic scale-length. The fact that the radial and tangential kinématic scale-
lengths are not equal indicates that the rotation curve is not flat over the entire
galaxy. A rough calculation of the rotation curve from these measured runs of

velocity dispersion is in good agreement with the CO rotation curve.
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Finally, the radial metallicity gradient seen in young and intermediate age
objects does not appear in the old disk. This may indicate that star formation
has progressed radially outward from the galactic center, with the star formation

rate and metallicity depending on the local gas fraction.
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Knut Lundmark’s map of the Milky Way. The circles on the overlay
mark the approximate location of the regions observed in this thesis. Note

that the coordinates are on the old system.






CHAPTER ONE

Introduction

Late type spiral galaxies like the Milky Way have two major compo-
nents, a disk and a bulge. The Milky Way also has some interesting minor
components, which include the metal weak nonrotating halo and probably
an intermediate metallicity ‘thick disk.” Disk stars make up most of a sam-
ple of stars in the solar neighborhood. The oldest of these stars have a
total velocity dispersion in the plane of about 50 km sec™ and about 20
km sec™! perpendicular to the plane (Woolley 1965). These dispersions are
small compared to the circular velocity at the sun, 220 km sec™!, which
indicates that locally the disk is cold and rotationally supported. Quite
the opposite is true of the bulge and halo populations near the sun. These
stars make up between 0.2 to 0.5 of one percent of the stars in the solar
neighborhood (Bahcall & Soneira 1980, 1984): their velocity dispersion is
about 120 km sec™! and their rotation is low, so this population is pressure
supported.

The existence of a third component, the ‘thick disk’ is currently the
subject of some controversy. Estimated local normalizations range from
0.5% to 10.0% of the local density of disk stars (see for example Sandage
1986, Gilmore & Reid 1983). Although the kinematics of the thick disk
are not yet well understood, it appears to be approximately in rotational
equilibrium with an asymmetric drift of 30 to 40 km sec™! near the sun
(Ratnatunga & Freeman 1985). In the vertical direction, the scale-height
of the thick disk is between 1 and 1.5 kpc, compared to the old disk scale-

height of 325 pc (Gilmore & Reid 1983).



In this thesis we will study the kinematics and chemical properties of
the old disk of the Milky Way. As the Milky Way is probably a fairly
normal Sb to Sc galaxy, our results should hold more generally, for other

similar disk galaxies.

1.1 Structure of Galactic Disks

One of the primary results of galactic studies has been the discovery of
the light distributions in the radial and vertical directions in galactic disks.
De Vaucouleurs (1959) and Freeman (1970) noted that almost every disk
galaxy for which photometry had been obtained showed a radial decline in
surface brightness which was exponential with galactocentric distance R,
i.e.

u(R) = poe F/h (1.1)

where h is the disk’s radial scale-length. If the mass-to-light ratio is con-
stant over the entire disk, then the mass surface density follows the same
exponential decline.

The origin of the exponential distribution is not yet understood. The
exponential disk has a fairly well defined internal angular momentum dis-
tribution, so whatever process leads to the exponential disk presumably in-
volves redistribution of angular momentum. Lynden-Bell & Kalnajs (1972)
suggested that non-axisymmetric perturbations could cause redistribution
of mass and angular momentum. They pointed out that, in a galaxy in a
quasi-steady state which obeys the viral theorem, the total kinetic energy is
fixed and hence any increase in the random motions must signal a decrease
in the rotational kinetic energy. An outward flow of mass would accomplish
this as the length scale of the system would increase but the angular mo-
mentum would remain cohstant, and therefore the rotational kinetic energy

would decrease. However it is also necessary to conserve potential energy.



A more centrally concentrated inner mass would accomplish this balance.
They showed that non-axisymmetric perturbations were capable of causing
this angular momentum transfer.

Hoh!’s (1971) N-body experiments showed that locally marginally sta-
ble disks in equilibrium were globally unstable to non-axisymmetric modes.
These bars caused the remaining axisymmetric disk to heat up. He found
that his final surface density distribution could be fitted by the sum of two
exponentials, the outer exponential representing the axisymmetric distri-
bution and the inner exponential component being the bar.

Carlberg & Sellwood (1985) suggested that this redistribution of angular
momentum could be caused by spiral density waves. They gave an estimate
for the expected change in angular momentum in the solar neighborhood,
but stopped short of giving a full description of the evolution of the surface
density of the entire disk.

In the vertical direction, Spitzer (1942) and Camm (1950) found that,
for highly ﬂattened spheroidal systems which were self-gravitating and lo-

cally isothermal, the vertical density distribution function behaved like:
2 [ 2
p = posech’® { — (1.2)
Zo

This function tends to an exponential for z/z, >> 1. Tsikoudi (1977)
did deep surface photometry of three edge-on SO galaxies and found that,
far from the plane, the vertical light distribution decreased exponentially.
This led Freeman (1978) to suggest that disks could be represented as an
isothermal sheet. Van der Kruit and Searle (1981) then fitted isothermal
disk models to surface photometry of a number of edge-on galaxies. They
not only found that the sech? solution fitted the photometry well, but also
that the scale-height, z,, was independent of radius, i.e. disks have a con-

stant ‘thickness’. This important result implies directly, from hydrostatic



equilibrium, that the vertical velocity dispersion is described simply by the
function:

2 o o~R/b

o5 x (1.3)

where h is again the disk’s radial scale-length. Recently van der Kruit &
Freeman (1984, 1986) have measured the run of vertical velocity dispersion
in several face-on systems. Their results confirm the predictions of the
radial decline of o, for a locally isothermal disk of constant thickness and
mass-to-light ratio.

More recently, Wainscoat (1986) has done infrared photometry on a

number of edge-on spiral galaxies. He has found that an exponential:

p = poe % (1.4)

is a better fit to the data than the sech? solution associated with the locally
isothermal sheet model. The only place that this really makes much of a
difference, though, is near the galactic plane where z/2z, < 1. Pritchet
(1983) also found, from star counts, that an exponential appears to fit the

vertical structure of the Milky Way.

1.2 Equilibrium

Galactic disks are close to rotational equilibrium in the radial direction

i.e.
Vz(R) o0d
® — 3R (1.5)

where V(R) is the rotational or circular velocity at radius R and & is
the galactic potential. However, the old disk has some support from its
velocity dispersion. Hence the mean rotational velocity is in fact less than

that which is predicted from equation (1.5). The difference is known as the

‘asymmetric drift’.



In the z direction, the disk is in equilibrium by the pressure gradient
associated with random motions vertical to the plane balancing the gravi-
tational field. It has long been known, however, that stars of different ages
have different characteristic scale-heights and velocity dispersions. This
prompted Spitzer & Schwarzschild (1951, 1953) to suggest that the vertical
dispersion grows through many stellar encounters with cold dark clouds.
This mechanism naturally produces a gradient of velocity dispersion with
age. Whether this is enough to produce the observed age-velocity disper-

sion relation is still the subject of debate (Wielen 1974, Carlberg et al 1985,
Lacey & Fall 1983).

1.3 Local Stability
The question of the local stability of a uniform cold disk was discussed
by Toomre (1964). He found that unless a certain amount of random mo-

tions were present, the disk would be unstable to local axisymmetric dis-

turbances. His famous parameter:

ORK

Q= 336c%

(1.6)

where op is the radial component 6f velocity dispersion, k is the local
epicyclic frequency, X is the surface density and G is the gravitational con-
stant, must exceed 1 for a disk to be stable against these local instabilities.
Measurements of o in the solar neighborhood indicate that the disk of the
Milky Way is locally stable. It would be interesting to confirm observa-
tionally that the entire disk is indeed hot enough to be stable against these

axisymmetric modes, as one would expect.

1.4 Global Stability

The question of global stability of disks against bar modes should now be

considered. Obviously not all galaxies are stabilized against these modes; at



least 37% of bright spirals have bars in their disks. But at least another 30%
have no hint of such a bar. In his paper on local stability, Toomre (1964)
remarked that disks may preferentially develop global bar-like structures.
These were in fact observed in numerical experiments by Miller et al (1970),
Hohl (1971) and Ostriker & Peebles (1973) as well as many others. The
theoretical studies of Kalnajs (1972), who solved the collisionless Boltzmann
equation and Poisson’s equation, and Hunter, who solved a system of stellar
hydrodynamical equations for a rotating Maclaurin disk, have also pointed
to these global bi-symmetric modes.

So the question remains as to what stabilizes those disks which do not

have bars. Ostriker & Peebles (1973) introduced a parameter

t="T/W| (1.7)

where T is the rotational kinetic energy and W is the gravitational po-
tential energy. They found that if ¢ < 0.14 £ 0.02 then the disk would
be stable. In their N-body simulations they ran many different models,
varying the velocity dispersion in the disk and adding varying amounts of
unseen matter (a dark massive halo) to the models. They found that in
those models for which the halo mass was less than about one disk mass,
the disk went through a period of non-axisymmetric barlike structure which
later dissolved back into roughly an axisymmetric disk once ¢t had reached
the critical value. What was left was a stable but very hot disk. The stabil-
ity obviously comes about because the rotational kinetic energy has been
transferred into kinetic energy of random motion.

The effect of placing a massive halo in the models is to reduce the initial
value of ¢ by increasing the gravitational potential [W|. This then stabilizes
the disk without the large increase in random motions. Because several lines

of evidence at the time were pointing towards massive dark coronae in disk
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galaxies, Ostriker & Peebles opted for stabilization by massive halos.

A study by Zang (1976) seems to have produced an example which
violates the generality of the Ostriker & Peebles criterion. However in
another study by Miller (1978), Zang’s results could not be confirmed.
Berman & Mark (1979) claimed to have found that a small bulge component
can prevent bar formation in cool stellar disks. However, their results may
be spurious due to the very large amount of gravity softening included in
their models (Sellwood 1981).

Efstathiou et al (1982) have studied the effects of varying the mass
of the dark halo and varying the turnover radius in the disk. They have

concluded that, for a cold disk, the relation:

h S 1a (L8)
MpG — ) '

Vi
is a better delineator of stability to bar modes, where V,, is the maximum
rotational velocity, Mp is the mass of the disk, h is the disk’s exponential
scale-length and G is the gravitational constant. This criterion essentially
measures the total halo contribution to the gravitational field relative to
the disk’s contribution. It is not really applicable to disks which have a
significant amount of energy in random motions.

Sellwood & Carlberg (1984) have investigated the effects of transient
spiral structure on the growth of random motions in the disk. Over the
course of its lifetime, the disk is heated by encounters with the spiral struc-
ture. The random motions in the disk soon increased enough to stabilize
the disk against bar modes. But they also stabilized the disk to the spiral
structure itself! In order to keep the. spiral structure, they added a massive
halo to the models. The disk accretes matter from the halo, which raises

the surface density of the disk and thereby effectively cools it. The halo

itself provides the background potential necessary to prevent bar formation.



Recently Athanassoula & Sellwood (1986) have done N-body experi-
ments on Kuz’'min/Toomre disks, which were aimed at finding out how
much of a contribution random motions could make to stability of bi-
symmetric modes. They found that the growth rate of these modes was a

simple function of the halo mass and random velocities, i.e.

OR

V)

in their dimensional units, where q is the fraction of the total mass which lies

growth rate = 0.169¢ — 0.092-—— — 0.048 (1.9)

in the disk, or and (V) are the radial components of velocity dispersion and
the mean rotational velocity, both evaluated at the turnover point. Hence
a stable disk could arise from many combinations of ¢ and og. They also
found that op can become large enough to support the disk against these
modes even without the presence of a halo. This dispersion corresponds to
a value of @ =~ 2.0 — 2.5, which would be most important in the regions
inside the turnover radius. This is interesting because it shows that halos
need not be dense enough near the center to stabilize the disks, but need
only be massive enough to produce the observed flat rotation curves in the
outer parts of spirals. Recent work by Carignan (1983) and van Albada et
al (1985) supports the view that halos do exist, but are only dynamically
important in the outer regions. On the other hand, the total amount of
observational evidence available to test the hypothesis that the inner regions
of galactic disks are hot is still very small (see section 1.5.1).

If disks of galaxies are indeed hot, the question of how the disks acquirea
so much random motion must be considered. Toomre (1964) presented a
scenario whereby an initially unstable disk would undergo several genera-
tions of instability. Each generation would iﬁcrease the random motions of
the disk to a point where, after many rotations, the disk would reach a new

axisymmetric equilibrium state, in which the velocity dispersions would be



just high enough for stability.

Wielen (1977) has calculated the cumulative effects of local fluctuations
of the gravitational field in a galaxy, and finds that the irregularities cause
stellar diffusion in phase space. His calculations are able to reproduce the
ratio of the velocity dispersion components, og:0,:0, for old stars in the
solar neighborhood. However, his analysis does not attempt to explain the
source of these fluctuations.

Lacey (1984) has proposed that stellar encounters with massive clouds
could be the cause of the observed velocity dispersion in the solar neigh-
borhood. His analysis is similar to that of Spitzer & Schwarzschild (1951,
1953) who, as previously mentioned, used this mechanism only to describe
the age-velocity dispersion relation perpendicular to the plane in the solar
neighborhood. The inability of the theory to predict the observed ratio of
dispersion components in the solar neighborhood, however, indicates that
at least one other mechanism must be present.

As previously mentioned, Sellwood & Carlberg (1984) have been mod-
elling disk heating as the cumulative effect of many stellar encounters with
transient spiral structures. The fact that their models form bars in the
centers is discouraging. However, they have not investigated the further
effects of a strong central bar on the growth of velocity dispersions in the
central regions.

It is clear from this section that the question of stability to bi-symmetric
modes is still not fully understood. The hot disk solution is attractive be-
cause it takes away the need for dark halos to be dense enough to gravita-
tionally stabilize the disk. To test this hypothesis we need to measure the

run of radial velocity dispersion in the old disk of a disk galaxy.



1.5 Measurements of Internal Motions in Old Disks
1.5.1 External Systems

Many attempts have been made to obtain the kinematic information,
needed to test the theories of stability, from external systems. Kormendy
(1984a,b) measured velocity dispersions in two disk galaxies, NGC 1553
and NGC 936. He showed that these two galaxies are indeed quite hot
near the center, with implied values of Q between 2 and 3. He concluded
that NGC 1553 at least may be globally stable, whereas NGC 936 has a
rather strong central bar. He suggests that the bar itself may be the cause
of the high velocity dispersion and that in time the bar may evolve away.
Van der Kruit and Freeman (1986) estimated the velocity dispersion in the
edge-on spiral NGC 7184. Using their measured stellar mean velocities and
asymmetric drift they calculated the velocity dispersion and estimated that
the central values of Q@ may rise to between 2.1 and 3.2. These results are

all very suggestive, that disks are indeed hot enough to support themselves

against bar forming modes.

The use of external systems for the study of disk kinematics does suffer
from some major difficulties, however. Firstly, the disk surface brightnesses
are faint, and the expected dispersions are quite low. Hence the high signal
to noise spectra needed are difficult to obtain, even with large telescopes.
The efforts of van der Kruit & Freeman (1986) show that we are clearly
near the limit of what is now possible.

Highly inclined galaxies are sometimes observed in an attempt to mea-
sure velocity dispersions in the plane. However, this will not give a direct
measure of the interesting kinematic components, i.e. the mean velocity
(V,), and the radial and azimuthal components of velocity dispersion og

and o,. The observed velocity profile through a finite size slit will be a line

10



of sight projection with contributions from og, o, and the rotational veloc-
ity, all from various galactocentric distances. The only component which is
directly observable in external galaxies in o,, in face-on systems. However,
this component is dynamically less important than o, when considering

questions of global stability.

1.5.2 The Milky Way

We can do such a kinematical study in the Milky Way, and this is the
subject of this thesis. The idea is to measure radial velocities of a large sam-
ple of individual stars in various directions in the galactic windows around
the disk. By doing this, we can build up a picture of the kinematic state
of the old disk of this spiral galaxy over a wide interval of galactocentric
distance (from near the center to about 17 kpc).

The disk contains giants from about class F8 to M8. We wish to restrict
ourselves to the older stars in the disk. For reasons which will be discussed
in Chapter 2, we chose to use middle to late K giants. These stars are
intrinsically very bright and hence can be measured to large distances (=
10 kpc from the sun).

We had to do our o§vn photometric survey down to about V = 16, and
we chose our candidate giants by their broadband colors. Hence some of the
stars in our sample are bound to be not distant red giants, but foreground
red dwarfs. The question then arises: by choosing stars by color alone,
will we be choosing mainly red giants or red dwarfs. We calculated the
numbers of giants and dwarfs expected in each of our regions using the
Bahcall & Soneira (1980) model, with a realistic run of feddening for our
galactic window included. In all cases, for the color and magnitude range
we were considering, the number of disk giants well outweighed the number

of expected foreground dwarfs. The reason is that the volume element to
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a given limiting apparent magnitude for the giants is so much larger than
that for the dwarfs. For the regions interior to the solar circle, the disk
density distribution also favors the more distant stars; regions outside the
solar circle will only be affected slightly in favor of the nearer stars, as the
gradient of the density function becomes quite flat.

The next problem is that of luminosity classification. If the odd dwarf
does come along, how do we know it? This is where interstellar reddening
actually becomes helpful! Although the regions we chose had low absorp-
tion, they all still had 0.4 to 0.5 magnitudes of reddening in (B — V). For
a reddening of 0.4 magnitudes, a K giant of (B — V), = 1.2 would have an
observed color (B—V) = 1.6. (The bluest stars we used has (B—V), = 1.2:
see Chapter 2.) If we then survey an area of sky for stars with an observed
color (B—-V) = 1.6, we will find these reddened K giants and unreddened
foreground M dwarfs. As K giants and M dwarfs have such dissimilar
spectra (the latter have very prominent TiO and MgH bands), luminosity
discrimination is very easy.

Next we consider the problem of the mixture of stellar ages in the old
disk. It is the kinematics of the old stars which will tell us whether the disk
is globally stable, and it is their metal é.bundances which will tell us about
the history of chemical enrichment in the galaxy. As was mentioned before,
it is a well known fact that the vertical scale-height and vertical velocity
dispersion of objects in the disk increase with the age of the objects. Thus
to ensure that as many of our stars were of the old population, we chose
regions which were slightly out of the plane, with b < 5°. At b = 4° and at
a typical distance from the sun of about 5000 pc, this gives a z distance of
about 350 pc above the plane, which is well about the scale-height of about

100-200 pc for the younger disk objects.
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Kinematically our goal is to measure (Vg), (V,), or and o, over a long
baseline of radius in the galaxy. As will be seen in Chapter 4, at an arbitrary
location along some line of sight, the observed velocity of a star depends
on its the true radial and tangential velocities, Vg and V,,, as well as its
galactocentric distance, R. Hence to measure Vg directly, we first chose
two regions close to the directions £ = 0° and £ = 180°. These will give a
direct measure of the radial variation of (Vg) and og because the tangential
components simply project out. For the other regions, in order to measure
V,, directly, it is necessary to chose stars which are near the subcentral or
tangent point. Here the V; component is normal to the line of sight and
hence projects out. In practice this is difficult as the projection factors
are strongly dependent on the value of R. Therefore we decided to use
our values of (Vi) and og, which we measured in the £ = 0,180° fields, to
model out the known contributions of (Vz) and o to the observed velocity
distribution and solve for (V,,) and o, directly.

Our main aim observationally in this thesis was to obtain spectra of
as many of these red giants as we could. We took medium resolution
spectra of about 600 red giant stars. From the spectra we measured cross-
correlation velocities. The spectra also gave equivalent width measurements
for abundance estimates and were used to calculate synthetic DDO colors.
These spectra were taken between July 1983 and June 1986 on the MSO
1.9 meter, the 3.9 meter Anglo-Australian Telescope, and the 2.1 meter

NOAO telescope at Kitt Peak National Observatory.

1.6 Chemical Abundance Gradients
Another property of galactic disks that we should consider is the evo-
lution of chemical abundances and chemical gradients in the galactic disk.

Some early work on the subject was done by Aller (1942) who showed that
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the spectra of H II regions in M 33 depended strongly on their locations in
the galaxy. This work was summarized and confirmed by Searle (1971)
Janes (1979) has summarized the work of several authors on chemical
gradients in the Milky Way. In that paper, Janes himself measured the
chemical abundance of G and K stars in the galaxy using DDO photometry.
He combined these with results of previously published UBV photometry
of some galactic open clusters to obtain a gradient of —0.05 dex kpc~! in
[Fe/H]. This is similar to the results found by many authors. However, the
studies of galactic chemical gradients have concentrated almost entirely on
young and intermediate age objects. It would be very interesting to know
the run of abundance in the old disk, as this can provide insight into the

enrichment of the interstellar medium at the time when the old disk was

young.

1.7 Thesis Outline

Since we have now covered our plan of attack for this project, we present
here a brief outline of the thesis. Chapter 2 will concentrate on the pho-
tometry done for this project, how it was reduced and how distances were
derived for the stars. In Chapter 3 we discuss the spectroscopic obser-
vations and reductions. We also discuss the cross-correlation method, the
abundance calibration and the calibration of the synthetic DDO colors from
the spectra. Chapter 4 describes the basic theory of our velocity deprojec-
tions in the R and ¢ directions. It also presents some of the raw results of
the kinematic and abundance information. In Chapter 5 we discuss possi-
ble interpretations of the results presented in Chapter 4. In Chapter 6 we
recapitulate what we have learned in this project and what conclusions we
have been able to draw from the information in the previous chapters. We

also discuss some plans for future work. Finally, Appendix I shows how we
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estimated the errors in our stellar photometric parallax distances.
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CHAPTER TWO

Photometric Observations and Reductions

2.1 Introduction and Selection Criteria

In order for this project as outlined in the previous chapter to succeed, a
large number of candidate giants was needed for spectroscopic observation.
We decided on red giant stars because they are the brightest of the old
stars and hence their kinematics can be measured to large distances; as we
shall show later, most of the giants which we will observe are indeed old.

Stars with (B—V'), > 1.5 were excluded because the long period variable
stars begin to appear at about that color. As we wish to determine our
distances from photometric parallaxes, variable magnitudes and colors are
clearly undesirable.

A cutoff in the blue is also necessary. Figure 2.1 illustrates the problem,
that giants of different ages have different absolute magnitudes at the same
intrinsic color. Thus if the old disk includes stars of different ages, we would
have significant distance uncertainties for the bluer giants. However, the
funnel effect seen in that figure reduces the spread in absolute magnitude
for the stars. We therefore imposed a blue cutoff at (B — V), < 1.2 in
order to take advantage of this funnel effect. Thus with colors in the range

1.2 < (B —V), < 1.5, our stars are middle to late K giants.

2.2 Selection of Candidate Stars and Distance Determination
Since the goal of this project was to measure the radial changes of the

kinematic properties and chemical abundance, a large sample of stars was

needed over a wide range of distances. As it was necessary for some of the

stars in the sample to be as faint as V' = 16, no existing survey of K
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Figure 2.1- Isochrones for Galactic Clusters from Eggen & Sandage

(1969).
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giants was suitable. It was therefore necessary to do our own photometric
survey. We decided to identify the candidate red giants from photographic
photometry of our regions of interest, using photographic plates taken with
the one—meter telescope at Siding Spring Observatory. It will be shown
later that the reduction method employed in this project gives an accuracy
that is good enough for our purposes.

The next task was to choose which regions to study. The regions had to
lie close to the galactic plane and have relatively low absorption, preferably
less than 1.5 magnitudes in V so that the more distant stars in the regions
were no fainter than about V' = 16. The choice of Baade’s Window at
£ =0°9, b = —3°9 was an obvious one, as it would give a direct measure of
the radial variation of the radial component of the velocity dispersion, with
negligible cdntamination from the azimuthal and vertical components. For
our other regions, we searched the literature for distant galactic globular
and open clusters which lie near the galactic plane and have low measured
reddenings. All of the candidate regions were checked visually on the Palo-
mar or Schmidt surveys for evidence of large absorption gradients near the
clusters, as shown by obvious changes in the stellar density. We eventually
adopted seven regions for study. The fields were chosen by galactic lati-
tude, absorption and also by galactic longitude; it was desirable to have
the regions spread around the galactic plane, so that we could also study
the radial variation of the azimuthal component of the velocity dispersion
and mean motion. The regions chosen and their properties are described in
Table 2.1. E, is a reference reddening, usually the reddening of the cluster
in the field and r, is a reference distance, usually the distance to the cluster.

The longitude distribution of the regions shown in Figure 2.2.
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Table 2.1 Regions for Observation

Cluster

NGC 6522
NGC 6712
NGC 5927
Circinus

NGC 2660
NGC 2324
NGC 2158

eo

0.9
25.3
326.6
311.3
265.9
213.5
186.7

bo

-3.9
-4.3
4.9
-3.8
-3.0
3.3
1.8

E.

0.50
0.35
0.55
0.40
0.38
0.11
0.43

Te

6300
7400
7200
5000
2900
2700
4900

19

Ref

van den Berg (1979)
Sandage & Smith (1966)
Menzies (1974)

Freeman et al (1977)
Hartwick & Hesser (1973)
Becker (1960)

Arp & Cuffey (1962)



Figure 2.2- Longitude distribution of regions observed. The longitude

for NGC 6522 has been exaggerated slightly.
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We then selected K giants at particular distances from the galactic cen-
ter. For example, in Baade’s Window, we wish to choose stars uniformly
distributed in the distance interval 1 to 8 kpc from the galactic center. The
choice of these stars from our photographic photometry would be straight
forward, were it not for the problem of interstellar reddening.

Near the galactic plane, the reddening will be a function of distance from
the sun. As our goal is to choose stars by their distances, we clearly need
to define a run of reddening with distance in each field that is consistent
with the observed reddening for the reference cluster in each field.

In one of our regions (the Circinus field at £ = 311°,b = 3°), Freeman
et al. (1977) measured the run of reddening using OB stars. They found
that the color excess increases linearly with distance modulus. Similar
behavior was found by Wallerstein (1962), Sandage and Smith (1966), and
Janes (1979) for other regions. Thus as an approximation we adopted a
reddening model in which the color excess is a linear function of distance
modulus. This model also included the assumption that the absorbing
layer was 500 pc thick (+ 250 pc) and centered on the galactic plane at z
= 0. We also assumed that there is no reddening within 100 pc from the
sun. The law depended on whether the cluster that was being used for a

reference reddening lies within or above the reddening layer. Thus we used

the following:

0 r < 100 pc
E(B-V)={ E[=1] r> 100 pc,|2| < 250 pc } 2, > 250 pc (2.1)
E, |2| > 250 pc
0 r < 100 pc
1 -2
E@B-v)=] E _g'—‘:g'rc,;z] r> 100 pe,|2| <250 pe | . < 250 pe
lo -2
E, |pi— "2] |2| > 250 pc

(2.2)

where all distances are expressed in parsecs, E, is the cluster reddening, r. is
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the distance to the cluster from the sun and z. is the distance of the cluster
above the plane. Figure 2.3 shows an example of the run of reddening from
this law for the NGC 2660 field.

The next step in calculating stellar distances was to adopt a color-
absolute magnitude diagram for the stars. This obviously depends on the
metallicity of the individual stars. As we had yet to measure abundances
for any of our stars, we assumed that all of the stars in our sample had the
metallicity of M 67, i.e. [Fe/H] = 0.0. It is important to note that this
assumption was only used in the initial selection of stars for observation
and not for estimating the stellar distanes in the later analysis of our data.
This assumption is clearly not going to be exactly right, as: (1) there will
be a certain amount of dispersion in metallicity about a mean for any given
distance and (2) recent studies (Janes, 1979 and references therein) have
indicated that there is an abundance gradient in the galactic disk. However,
these studies have dealt almost exclusively with young and intermediate
age objects in the disk, and it is not clear that the old disk has the same
abundance gradient or even any gradient at all. We shall return to this point
in Chapters 4 and 5. Our assumption of a uniform [Fe/H| will lead to some
distance errors, but is good enough for choosing stars for the spectroscopic
program. The color-magnitude relation used for M 67 was from Morgan
and Eggleton (1978).

The procedure for calculating the stellar distances is then straight for-
ward. First an initial guess was made at the reddening, E(B — V) = E,.

Then:
(B-V),=(B-V)-E, (2.3)
(B-V), = M, (2.4)

r — 100-2(m»—M,+5-3E(B-V)) (2.5)
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Figure 2.3- The modelled run of reddening for the field NGC 2660.

The cluster is shown as a filled circle.
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This value of r can then be plugged into equations (2.1) and (2.2) to obtain
a new value of E(B—V). The procedure was repeated to convergence. The
derived values of r, E(B —V), (B —V),, combined with our color selection
criteria, were then used to choose which stars from our photometric sample
should be observed spectroscopically. We stress again that the final dis-
tances used in this thesis will be based on the measured values of [Fe/H]|
from Chapter 3. Note that errors in photometry, reddening and metallicity
will all lead to errors in the calculated distances. A discussion of distance
errors is presented in Appendix L

Our assumption that all of the red stars in a given region are giants
causes no problems. As was shown in Chapter 1, a simple calculation
shows that the red stars in a given region in the plane interior to the solar
circle will be mostly giants. The occasional M dwarf in the sample is easily

recognizable from its prominent TiO and MgH bands.

2.3 Photographic Observations and Reductions
The photographic observations were done on the Siding Spring Obser-

vatory one-meter telescope. At the f/8 Cassegrain focus, the plate scale is

1

25 arcsec mm~! which is sufficiently large that there was no appreciable

overlapping problem with faint stars, even in the most crowded regions.

The field size is about 0.8 square degrees. Vignetting reduces the useful
area of the plate to about 0.7 square degrees. Thus, in some of the less
densely populated regions, it was necessary to take several sets of plates
offset in various directions to ensure that we had enough red stars for our
spectroscopic observations in those regions.

The photography was done in two colors: Johnson B and V. The B
plates were taken with Kodak IIa-O emulsion and a Schott GG 385 filter.

The V plates were taken with ITa-D emulsion and a GG 495 filter. In
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most cases the plates were hypersensitized by baking in dry nitrogen at
68°C and then a period of soaking in dry hydrogen. The actual recipe
varied from batch to batch: a typical example of a IIa-O recipe is two
hours baking time and four hours soaking. This increased the speed of the
emulsion by about a factor of two, which was particularly helpful at times
of cold weather or precarious cloud cover. The plates were developed using
standard techniques and Kodak D19 developer.

The plates were digitized using the MSO PDS 1010 microdensitometer.
The PDS is operated using a system which was developed locally by Dr.
G.R. Hovey.

The reduction package used for analyzing these scans was designed for
use with undersampled stellar images. Thus a fairly large pixel size could
be used, which made it possible to cover most of the plate with one scan.
The plates were mostly taken in 2 to 3 arcsecond seeing. Therefore, at a
plate scale of 25 arcsec mm™! and a scanning aperture of 50 microns, an
image would typically cover about 3 square pixels.

The PDS is limited in its sampling rate by the comparatively long time
constant of its logarithmic amplifier. Scanning at speeds which do not allow
sufficient time for the log amplifier to respond to density changes on the
plate results in stellar profiles which will have a sort of zig-zag distortion.
While this does not cause serious problems in uncrowded fields, it can be
disastrous for some of the more crowded fields in this project, as a large
amount of overlapping occurs. The PDS scans at speeds between 1 and 255
units, where 5 speed units equals 1 mm/sec. Our scans were usually done
at speeds of 50 units or 200 pixels/sec for 50 micron pixels.

The software used for analyzing the PDS scans was originally developed

by Kavan Ratnatunga on the ANU UNIVAC 1182 computer. While the
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UNIVAC is better equipped to cope with large numbers of magnetic tapes
and had better plotting facilities than the MSO VAX 11-780, several im-
portant factors caused me to rewrite the software for the VAX. The original
code was written in a subset of FORTRAN IV, was largely uncommented
and was completely undocumented. This made it extremely difficult for
the user to understand what the software was doing to his data. Secondly,
the UNIVAC is a very inconvenient, abusive and frustrating computer to
use, owing to its location and extremely unfriendly operating system and
editor. The fact that the UNIVAC could handle a larger number of tapes
must have been a major contributor to Ratnatunga’s decision to base his
computational efforts at the UNIVAC, as his project created the need to
read a very large number of tapes. However this was unimportant in our
case, as the number of tapes generated by our PDS scans was not so large.

The code was rewritten in FORTRAN V (1977 standard) and was carefully

commented and documented.

The analysis of the scans began with an estimate of the mean and
sigma of the sky across the plate. This was achieved by first dividing the
scan map into a number of subsquares. The scan maps were generally
2000 x 2000 pixels, so that they were usually divided into 400 subsquares
of 100 x 100 pixels each. Next the intensity histogram (» function) was
calcula,ted for each subsquare. These n functions are highly skewed in the
positive direction (i.e. towards higher intensity) by the presence of stellar
images and plate defects. Thus, to find a true unbiased mean sky value, it
was necessary to employ an iterative non-symmetrical no clip, where o is
the dispersion of intensity values in each subsquare and n was set to three
(Newell 1979). The maximum number of iterations was ten. It was rare,

however, that so many iterations were required to obtain a stable mean.
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Next, the stellar images on the scan map were located as pixels more
than a certain number of sigma above sky, where sigma is now the dispersion
of the clipped 7 function. This threshold was never allowed to go below 40,
as at such low levels the images are likely to include emulsion defects or
individual grains. When a local maximum was found, a weighted mean was
performed on the surrounding pixels to find the center of the image, and
the image was tested to see if it was above the threshold value. Next the
sky was subtracted from the area of the map surrounding the image. The

density of each pixel was then translated to transmission via the relation:
T =100 (2.6)

Using transmission has the disadvantage that one loses information for
bright stars, i.e. high density, as the gradient of the transmission function
in equation (2.6) is quite shallow there. However none of our stars was
anywhere near bright enough for this effect to matter. Using transmission
has the advantage that the transmission of individual pixels can be added
together directly to form an instrumental magnitude. (This is not the
case with densities.) Therefore, by using transmission, we can emulate
an iris photometer by calculating the effective transmission of a circular
aperture from our undersampled scans. Thus we synthesized an aperture
which was circular and had a diameter of 4 pixels, which was slightly larger
than the image sizes of the stars in which we were interested. Finally all
of the transmission in this circular aperture centered on the image was
added together and normalized by its area. The total transmission was

then converted to an instrumental magnitude with:
Minst = Co + ClilT (2.7)

where X7 is the normalized sum of transmission for the star. This instru-

mental magnitude was calibrated to true magnitudes later. The whole map
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was searched in this way in order to find all of the stellar images on the
plate. The scan m;aps for both colors were treated in the same way.

To match the corresponding images from both plates, we found accurate
centers of position standard stars (usually SAO stars) on both scan maps.
These centers were found by fitting least squares ellipses to the density
contours of these standard stars. We were then able to find the plate
constants for both scan maps. This allowed us to take out the effects of
rotation and translation and thus enabled us to match the corresponding
stellar images on the two scan maps.

Finally the stars were calibrated to true magnitudes with standards
which were on the scan maps with the program stars. These standards
usually came from previously published photoelectric photometry. The
final calibration was done with a spline fit to the curve of true magnitude
versus instrumental magnitude. The errors in magnitude were between
0.04 and 0.07 magnitudes and the errors in color were between 0.07 and 0.1
magnitudes. Thus this approach of using undersampled scans and synthetic

iris photometry gave accurate results with a significant reduction in PDS

and computer time.
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CHAPTER THREE

Spectroscopic Observations and Reductions

Introduction

Having defined the sample of stars, we set out to observe as many of them
spectroscopically as possible. Spectroscopic observations were done on three
telescopes, the Mount Stromlo 1.9 meter, the 4 meter Anglo-Australian Tele-
scope and the 2.1 meter NOAO telescope at Kitt Peak National Observatory
in Tucson, Arizona. The observations at each telescope are treated in sepa-
rate sections of this chapter. In addition, the AAT observations are split into
two separate sections—one dealing with slit spectroscopy and the other dealing
with multi-object fiber spectroscopy. There were also observations done at high
resolution at the MSO 1.9 meter and the newly commissioned ANU 2.3 meter
telescope, to establish the radial velocities of our local standard stars. These
will also be dealt with in separate sections of this chapter. The reduction meth-
ods used for each type of observa.tion will be discussed in the same sections as
the observations. Next we will discuss the method for measuring the velocities
from the reduced spectra. Finally we will describe the abundance calibrations,
the measurement of the synthetic DDO colors, which were used as a check on

the zero point of our spectroscopic abundances and the revision of our stellar

distances.

3.1 Slit Spectroscopy at the MSO 1.9 Meter

The observations on the MSO 1.9 meter telescope were done starting in July
1983 and continued unabated until October 1985, with the exception of the
months of November, December and January when either none of our regions

were in the sky or those that were had stars which were too faint to be observed

with this particular telescope.
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The observations were made at the Cassegrain focus with the Boller and
Chivens spectrograph and the Mount Stromlo Observatory Two Dimensional
Photon Counting Array (Stapinski et. al. 1981). The 2DPCA was used in
two different ways—CCD + 6-stack (six optically coupled electrostatic image
tubes) and CCD + two coupled 18mm microchannel plates. The PCA has 745
channels in the wavelength direction and 244 rows in the spatial direction. Each
pixel is 15u (in wavelength) x36u.

The grating used had 600 lines mm™! and was blazed at 17°27 to a first
order Littrow wavelength of 10,000 A. When used in second order with the CCD
and 6-stack combination, the dispersion was 57.6 A mm™! or 0.86 A channel™*
at A = 5200 A. This gave a coverage of about 640 A and a velocity scale of
about 49.9 km sec”lchannel™!. While the 6-stack was adequate for obtaining
velocity information (the mean velocity error is about 8 km sec™?), it did suffer
from a number of difficulties. (1) The efficiency of the stack depends critically
on the efficiency of the leading image tube and we were plagued with leading
tube sensitivity problems. (2) The residual magnetic field of the earth deflects
the beam slightly as it passes from tube to tube. Therefore, over a period of
time the direction of dispersion was rotated out of alignment with the rows of
the CCD. This meant not only that the signal to noise ratio was decreased,
but also that velocity information would be degraded due to the tilting of the
spectral lines. Adjustments to correct this rotation problém had to be done
several times per night. These tests were usually done on a nearby bright field
star. Fortunately the six-stack was replaced by the 18mm tandem MCP in
April-June 1984.

The 18mm tandem MCP has neither of the problems previously mentioned
for the six-stack. When used with the grating as described above, a dispersion

of 42.0 A mm1 or 0.63 A channel™! at A = 5200 A and a wavelength coverage
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of about 470 A was obtained. This resulted in a better velocity scale of about
36.5 km sec”!channel™!.

The wavelength system was calibrated with exposures of an Fe—Ar arc. As
there was a large amount of ‘drift’ in the system, it was necessary to take an
arc exposure at least every 2000 seconds. This drift became noticeably worse
at high zenith distances, and maximum exposure times had to be shortened
accordingly. This drift was probably caused by mechanical movement within the
spectrograph itself, in particular in the grating holder whose locking mechanism
is certainly not all that it should be.

Each region observed had at least two bright local standard stars. We tried
to do at least two exposures of each of these stars during the night. However,
bad weather and other constraints sometimes prevented our doing so. These
stars gave us a measure of the velocity errors from night to night.

Although the PCA has 244 useable rows we recorded only_ about 20 rows.
These provided enough information to get the entire spectrum of the star plus
an ample number of rows to be used for sky subtraction. In regions where
crowding was a problem it was sometimes necessary to record extra rows to
make sure sufficient sky was recorded.

The reduction of the spectra was begun by cross-correlating (see section
3.8) all of the arcs of a given night against the first arc of that night. This was
done to determine whether there were any large shifts in pixels of the arcs over
the night. This occurred somewhat more frequently at the beginning of our
observing on the 1.9 meter, because the old arc system was a sort of plunger
arrangement which had to be operated manually. The pushing and pulling
of the plunger, no matter how gently, caused vibrations which occasionally
produced shifts of 0.2 to 0.3 channels (10 or 15 km sec™!). This was clearly

unacceptable, and any star whose arcs had shifts of around 10 km sec™! or
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greater was automatically rejected. Fortunately, in late 1983 a new arc system
was installed on the spectrograph, in which a flip mirror is driven into the light
path by a small motor. Once this new arc system was installed, no such sudden
large shifts were noticed.

Next, all of the arcs were rebinned to a loglambda scale with the same zero
point and increment. Then they were all cross-correlated against the first arc
of the night again, to ensure that the rebin coefficients determined for each arc
were putting all exposures onto the same scale. Any arc with a shift greater
than about 7 km sec™! was automatically rejected. This did not happen very
often, and was generally a result of a badly exposed arc.

Next the star exposures were sky subtracted and the rows containing the
star’s spectrum were added together and rebinned to a loglambda scale. Next a
‘supertemplate’ was created by adding together all of the exposures of the local
standards from the first night to created one very high signal spectrum. All
of the program stars including the local standards were then cross-correlated
against this ‘supertemplate’. With this procedure, all stars including the local
standards were treated in the same manner. The cross correlation method used
was fairly straight forward and will be discussed in section 3.8. The velocities
had a mean error of about 8 km sec™? for the six-stack observations and about
6 km sec™?! for the tandem MCP observations.

What remained to be done was to tie these relative velocities back to helio-
centric velocities by finding the heliocentric velocities of the local standards in

each region. This will be discussed in sections 3.6 and 3.7.

3.2 Slit Spectroscopy at the AAT
These observations were done on several runs between December 1983 and
June 1984. The observations were made at Cassegrain /8 focus using the RGO

spectrograph with the 25 cm camera. The 600V grating was used with blaze
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to collimator; this gave a dispersion of about 66 A mm~! at A = 5000 A at the
detector.

The detector used was the Image Photon Counting System (IPCS). The
IPCS has 2000 x15u pixels in the wavelength direction and can be used in a
variety of two dimensional configurations. We used 2000 pixels in the spectral
direction and 20 x55u pixels in the spatial direction, which again provided
enough information for proper sky subtraction. This arrangement gave a dis-
persion of about 1 A pixel™! and a velocity scale of about 59 km sec™!channel™!
at A = 5000 A. The length of the detector provided about 1800 A of useful
spectrum.

Comparison Cu—Ar arcs were used before and after each star in order to
measure accurately the drift in the system. The internal drift in the IPCS
turned out to be much smaller that with the PCA, less than 1 pixel compared
with about 3 to 4 over a typical night.

As with the 1.9 meter observations, we observed two bright local standards
in each field. These were each observed twice during every night of observing.

The reduction of the spectra proceeded almost identically with the procedure
outlined in the previous section, with only one difference. Each night on the
AAT, an exposure of the twilight sky was taken. The pixels in each row were
then averaged to give a profile of the vignetting along the slit. Before sky
subraction, each row of each program star map was divided by the appropriate
average twilight sky value. This correction turned out to be very small. The

measured velocities had mean errors of about 5 km sec™1.

3.3 Multi-object Fiber Spectroscopy at the AAT
These observations were started in January 1985 and continued until April
1986; our time was scheduled as several one night runs. The major advantage of

fiber observations over slit spectroscopy is the ability to observe many objects
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simultaneously. The field of the fiber system on the AAT is 40 arcminutes,
which was just smaller than the areas we scanned on our plates and was thus
ideally suited for our project.

Fiber observations have several problems and overheads. (1) About 50%
of the light gets lost in each fiber. Thus exposure times have to be increased
accordingly. However this is more than amply compensated for by the ability to
observe 40 to 45.objects simultaneously. (2) As will be seen later in this section,
reductions are somewhat more difficult as IPCS distortions make extraction
of the individual spectra troublesome. However, software has been written
for this purpose. (3) Pre-run preparations are more elaborate. The positions
of each fiber is set by small holes drilled in a brass plate which is placed at
the Cassegrain focus. These positions must be determined to sub-arcsecond
accuracy, lest the light of the star misses the fiber. Since these plates must
be ordered well in advance, the accurate coordinates of each program object
must be known at least 3 to 4 weeks before the night of observations. This
involves a significant amount of time at the PDS to do the required astrometry
as accurately as possible. (4) Although the same spectral resolution with the
fibers as one gets with a 400u slit, the limitations of the IPCS external memory
only allow the use of 1020 pixels in the wavelength direction with the fiber
system. This is half the number used for regular slit spectroscopy. Thus with
the fibers each wavelength pixel is set to about 30u. Hence, there is some loss
of spectral resolution and the wavelength pixels are doubled: therefore velocity
errors are somewhat larger. These problems in no way outweigh the ultimate
benefits of multi-object observations.

There were two sizes of fibers from which to choose. The 200x diameter
fibers have a size of 1.3 arcseconds on the sky. The 400y diameter fibers are

thus 2.6 arcseconds on the sky. There were two 400x fiber bundles, which
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allowed one to set up one plate while observing another. This was not possible
with the 200u fibers at the time that our observations were being done, as there
was only one 200u bundle; this gain in efficiency dictated our choice to use the
400y fibers. Each bundle has 50 fibers. However it is not generally possible to
observe 50 objects, as there are invariably a few fibers which have been broken
and some of the others must be dedicated for sky observations. Generally one
can observe between 40-45 objects at a time. There is also a companion guider
bundle with four small bundles of seven fibers each. These are in a circular
pattern, with six fibers surrounding one, and are used on bright stars in the
field for guiding the telescope. This feeds directly in to the TV guiding system
and can be monitored constantly.

Apart from the use of the fiber coupler, the setup of the telescope remained
the same as with slit observations. The 25 ¢cm camera, IPCS, 600V grating and
the RGO spectrograph were all used as before.

As many stars were being observed simultaneously, the original procedure of
reobserving local standard stars several times a night would have wasted a lot of
time. Hence the following procedure was adopted. (1) The local standard stars
were still observed on each plate. They were used to set the zero-point of the
velocities to a heliocentric frame. (2) We did several exposures (at least two)
of each region. Each exposure had enough signal in it to calculate a reliable
velocity for each program star (the greater amount of signal being needed for
abundance measurments). The velocity error of the observations of the region
was then calculated as the sigma of velocities of the individual stars from ex-
posure to exposure. (3) Arcs were taken at least every 1000 seconds. As the
entire IPCS area was being used, it was critical to monitor the stability of the

system.

The reduction of these spectra is not as straight forward as it was with
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the slit spectra. The individual spectra have to be located and extracted from
the recorded array. At the IPCS cathode, the spectra are essentially paral-
lel: however, the ‘pin-cushion’ distortion in the image tube bends the spectra
significantly especially near the edges of the IPCS field.

Programs written by Dr. J.R. Lucey of the Anglo-Australian Observatory
were used to locate and extract these spectra. The program first locates the
center of each spectrum from initial parameters, given by the user, which specify
the row of the array on which the middle of the first spectrum lies and the
average distance between each spectrum. Then the program finds the central
row of each spectrum at many points in the direction of dispersion, by doing a
centroid fit over a window which has an adjustable location depending on where
the previous center was located. The program then extracts the spectra based
on a parameteg, specified by the user, which gives the approximate width of
each spectrum.

Sky subtraction was the next problem, because the fibers have different
transmission efficiencies. Twilight exposures can be used to work out the rel-
ative transmissions of each fiber, which can then be used as mulitipliers when
subtracting the sky. We can also use the [OI] A5577 line which is present in
the night sky at Siding Spring. The grating angle was set so that this sky line
would appear near the end of each of the spectra. Thus the amount of sky
subtracted was adjusted so that the peak emission at A5577 was removed. As
both procedures seemed equally valid we decided to use the latter because it
was less time-consuming. Sky subtraction was done after rebinning so that all
spectra were on the same wavelength scale.

As was previously mentioned, the velocity errors were calculated from the
repeatability of each velocity over several exposures. The final velocities were

calculated by using the sum of all exposures. Again, they were cross-correlated
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against a ‘supertemplate’ consisting of the sum of the local standard star spec-

tra. The velocity errors here were about 8 km sec™!.

3.4 Slit Spectroscopy at the KPNO 2.1 Meter

These observations were done on four nights in January 1985. Owing to the
declination of our anti-center field (near NGC 2158: § ~ 24°), it would have
been very difficult to get adequate spectra of the number of stars needed from
Mount Stromlo or Siding Spring.

Four nights of dark time were allocated on the KPNO 2.1 meter telescope.
The observations were made at the Cassegrain focus with the Gold spectro-
graph, the Wynne ‘C.J.” Camera and the intensified image disector scanner
(IIDS), coupled with the cooled RCA glass three-stage magnetically focussed
image tube with S-20 photocathode and P-11 phosphor screen.

The grating used had 600 lines mm™!. and was blazed to a first order
Littrow wavelength of 11,000 A. The grating was used in second order and gave
a dispersion of 39.5 A mm™! or 0.9 A channel™l. This gave a coverage of about
900 A and a velocity scale of about 54 km sec™'channel™* at A = 5000 A.

Thé wavelength system was calibrated with exposures of He-Ne-Ar compar-
ison arcs. These exposures were taken before and after each star.

As before, the observations included two bright local standard stars. Two
observations of each of these stars were done each night. These again provided
a check on the velocity errors. In addition two velocity standard stars were
observed. These were used to put the velocities on an heliocentric zero point.

Much of the reduction was done automatiéally with the DEC 11/44 com-
puter at the telescope. The user specifies which of the files are comparison arcs
and which are program objects and then identifies a few of the arc lines to give
a rough wavelength calibration. The program then identifies the rest of the

arc lines and works out a wavelength solution. The solution is then fitted by
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a sixth order Legendre polynomial and the coefficients are stored. The wave-
length calibration for program objects is done as a linear interpolation in time
between arc exposures on either side of the program object. Thus most of the
time consuming work is done with no user interaction at all.

What remained to be done was to sky subtract the exposures. As the IIDS
is a dual channel spectrometer, it is standard practice to do several exposures
(generally 4) of each object in alternating apertures. Thus after sky subtraction
the exposures of the program objects needed to be added together.

The velocities again were found by cross—correlation with a ‘supertemplate’
star. The relative velocities were calculated from the previously mentioned

velocity standards. The velocities obtained had errors of about 4 km sec™!.

3.5 Echelle Spectroscopy at the SSO 2.3 Meter

These were done in April 1985 by G.A. Wilson and K.C. Freeman using the
echelle spectrograph on the newly commissioned 2.3 meter telescope at Siding
Spring Observatory. The MSO 2DPCA with 18mm tandem MCPs was used as
the detector. The echelle used gave a dispersion of about 5 A mm™" or 0.075 A
channel™!. This corresponds to a velocity scale of about 4.5 km sec"'channel™!
at A = 5000 A.

The stars observed were some of the bright local standard stars in some of
the regions of this project. In addition, radial velocity standard star exposures
were taken so that the final velocity could be tied back to a heliocentric frame.

The data was reduced by G.A. Wilson. As the echelle orders fell on the PCA
in a very similar fashion to spectra from the AAT when using the fiber coupler,
the reduction of this data was ddne using a similar procedure to that outlined
in section 3.3. The data from the individual orders were reduced independently

and the resulting velocities averaged to give the final results. The velocity errors

here were about 1 km sec™?.
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3.6 Coudé Spectroscopy at the MSO 1.9 Meter

These were done in December 1985 and May 1986. The MSO 2DPCA was
used as the detector. The grating had 600 lines mm™!, was blazed to 16,000 A
and was used in third order. This gave a dispersion of 6.6 A mm™! or 0.10 A
channel™! which corresponds to a velocity scale of 5.8 km sec 'channel™!. For
comparison we used exposures of a thorium arc lamp. These were taken once
per hour. The stars observed were the rest of the local standards which had not
already been observed at high resolution. Again radial velocity standards were
also observed. The reduction method used was essentially identical to the one
described is section 3.1. The reductions of the December 1985 run were carried

out by C.M. Flynn. The velocity errors here were again about 1 km sec™!.

3.7 Conversion of Relative Velocities to a Heliocentric Frame

A large number of spectra were taken during many different observing runs
during the course of this project. The next problem was getting all of the
resultant velocities onto a single heliocentric system. Generally bright radial
velocity standards were not observed on the same nights as the program stars.
However, local standards were observed on every night. As accurate heliocentric
velocities of the local standards had been measured at high resolution, the

program star velocities could all be converted to heliocentric velocities.

3.8 The Cross-correlation Procedure

We used the method of cross—correlation. This is dealt with in a fairly
detailed manner by Simkin (1974) and Tonry & Davis (1979), so this discussion
will only highlight the main points. First we give a short discussion on how the
spectra were prepared.

As was previously mentioned, the spectra were all rebinned onto a loglambda
scale, ( i.e. a linear velocity scale). Next, the mean intensity was calculated and

subtracted from each spectrum and the spectra were divided by the standard
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deviation of the intensity. This puts all the spectra on the same correlation
coefficent scale and ensures that an auto-correlation will give a correlation co-
efficient of 1.0.

As our cross correlation technique uses Fourier methods, it was necessary to

taper the ends of the spectra with a cosbel function:

Fr(zi) = F(z)) [1 — cos ;Z;] (3.1)

T
2Az

Fr(z:) = F(z:) cos (3.2)

where the subscripts R and L refer to the left and right hand sides of the
spectra, Az is the total length of the region to be tapered and z; is the pixel
number within that region. The region size was usually chosen to be 5 to 10%

of the total spectrum size, i.e. for a 2000 pixel spectrum, a 5% cosbel would

taper 100 pixels on either side.

The cross correlation function is defined as:
A
c(A) = 4 /A * F(2)G(z — A)d (3.3)
1

where F(z) is the program star spectrum, G(z) is the template star spectrum,
A is the shift in A and A is a normalizing constant. This function can be

rapidly evaluated in the Fourier domain. The spectra were therefore Fourier

transformed:
—2mikz;
f(k) = Z F(z;) exp ——— N (3.4)
1=0
Z G(z:) exp 27]1'\;191:, (3.5)

Before the cross correlation product was taken, the transformed spectra were
filtered by a cosbel at low frequencies and high frequencies. The former had
the effect of flattening the spectrum and thus removed any contribution of the
gross curvature of the spectrum to the final velocity results. Removal of the

high frequencies resulted in the smoothing of PCA two-point noise and photon
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noise, and thereby smoothed the final cross—correlation function. Typical values
of the smoothing channels for a 1024 point transform were (3,150,200). This
means that there is a linear filter increasing from zero at channel 1 to 0.5 at
channel 4 (3 + 1), then a cosbel from 0.5 at channel 4 to unity at channel 7
(2 X 3 +1); from channel 7 to 149 the transform was left unaltered; from 150
to 200 the transform was cosbelled down to zero and from 200 to the end the

transform was set to zero.

Next the transformed and smoothed spectra were multiplied in the Fourier

domain which leads to
c(k) = Af(k)g* (k) (3.6)

where g*(k) is the complex conjugate of g(k) in equation (3.5). Note that
because of the definition in equation (3.6) this operation is not commutative.
The constant A in Tonry & Davis (1979) depended on the rms of each of the
spectra. However, since we had already divided each spectrum by its standard
deviation, the constant A is simply 1/N. This normalized function was then
inverse Fourier transformed to give C(A) in equation (3.3). The maximum of
C(A) was found by locating a zero in its first derivative by linear interpolation.
This shift then corresponded to the relative velocity (in log channels) of the

program star with respect to the template, i.e.

where V is the velocity per logchannel and H is the program star and template

heliocentric corrections and v is the program star and template true velocities.

3.9 Abundance Calibration

As mentioned in chapter 1, one of the primary goals of this study was to
measure the run of metallicity with radius in the old disk. This can provide

insight into the history of chemical enrichment of the interstellar medium of the
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disk. The metallicity of each individual star is also an important factor when
estimating its distance from photometric parallaxes. The original approxima-
tion when selecting the stars was that all stars had metallicity like that of M 67.
Hence the color-magnitude relation for M 67 was used to assign absolute magni-
tudes from the dereddened colors. With a good estimate of the true abundance
of each star, the distance estimate will be significantly more accurate.

To determine the abundances from the K giant spectra, a procedure similar
to that of Whitford and Rich (1983) was used. Metallicities were measured only
for the stars done at the AAT and at the KPNO 2.1 meter, as the spectral range
of the MSO 1.9 meter 2DPCA spectra was too small to allow the measurement
of sufficient features. However, the AAT and KPNO stars make up the bulk
of the stars which were observed spectroscopically. The procedure basically
involves a measure of the strength of metallicity sensitive features. For the
AAT spectra the features used were: Fe AA4384, 4405 and Mgb AA5167, 5173

and 5184. For the KPNO spectra Mgb AA5167, 5173 and 5184 and the Fe A5270

blend were used.

The line strengths were measured by the integral:

[A2 I(A
W= [ 1 (1 - TL(%) dx (3.8)
where I()) is the intensity of the feature at A and I.())is the intensity of the
continuum at A which was measured by linear interpolation between two nearby
continuum bands. Table 3.1 shows the continuum band centers and limits of
integration used in the line strength calculations.

For abundance standards a number of globular cluster giants with various
known abundances and colors were observed. These are summarized in Table
3.2.

The strength of the spectral features is not only a function of metallicity

but also a function of temperature. Thus it is necessary to include the intrinsic
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Table 3.1 Sidebands and Limits of Integration

Feature )\ Ay Side1 Side 2

Fe 4380 4415 4333 4506
Mgb 5160 5190 4952 5240
Fe 5260 5280 5225 5296
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Table 3.2 AAT Abundance Standards

Cluster Star (B—V), [Fe/H] Reference

47 Tuc A22 1.33 -0.71 Chun & Freeman (1978)
47 Tuc B447 1.27 -0.71 Chun & Freeman (1978)
47 Tuc Mz25 1.26 -0.71 Menzies (1973)

47 Tuc M7 1.22 -0.71 Menzies (1973)

47 Tuc B524 1.13 -0.71 Chun & Freeman (1978)
NGC 362 1137 1.46 -1.27 Harris (1982)

NGC 362 1157 1.37 -1.27 Harris (1982)

NGC 362 2213 1.20 -1.27 Harris (1982)

NGC 3201 1613 1.07 -1.60 Smith & Norris (1982)
NGC 3201 1626 1.11 -1.60 Smith & Norris (1982)
M 67 105 1.19 0.00 Eggen & Sandage (1964)
M 67 108 1.30 0.00 Eggen & Sandage (1964)
NGC 5927 331 1.03 -0.30 Menzies (1974)

NGC 5927 234 1.27 -0.30 Menzies (1974)

NGC 5927 456 1.35 -0.30 Menzies (1974)

NGC 5927 190 1.50 -0.30 Menzies (1974)
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color of the star in the metallicity calibration We used a bivariate regression

(Bevington 1969) of the form:

Fe

[E] = C,+ C1(B = V), + C;log TW, (3.9)

where (B — V), is the intrinsic (B — V) color of each star and W), is the sum
of the strengths of the features measured.

Figure 3.1 shows a plot of log TW), vs. (B — V), for all the abundance stan-
dards which were observed at the AAT with the slit configuration in December
1983 and June 1984. The two lines show fits from equation (3.9) for NGC 362
and NGC 5927. The standard error of the calculated metallicities was 0.22 dex.

The fit found from equation (3.9) is shown in Figure 3.2 as a plot of line
strengths, W, reduced to a standard color of 1.32 vs. [Fe/H] where LW, is

defined as

log SW, = log SW) + %[(B — V), - 1.32] (3.10)
2

and the line plotted is

[%] =C, + 1.32C + Cz log ZW, (3.11)

i.e. LW, is the expected line strength if the star had a (B — V), of 1.32. The

fit coefficients were C,,Cy,C,; = —4.015, —1.265,3.981.

For the AAT slit observations in Dec 1983, two local velocity standard stars
were observed twice over the night. Their calculated [Fe/H] values both for-
tuitously repeated to within 0.01 dex! For the June 1984 AAT slit run, the
two local standards were each observed four times (twice in two nights): their
calculated metallicities repeated to 0.06 dex. Both of these are well within the
errors defined by the fit.

For the May 1985 and April 1986 fiber data, bad observing conditions at the

beginning and end of both nights meant that only a few abundance standards
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Figure 3.1-A plot of log TW, vs (B — V), for the AAT abundance stan-
dards. The two lines show lines of constant metallicity for [Fe/H| = —0.3 and
[Fe/H] = —1.27. The clusters are: M 67 (stars), NGC 5927 (filled circles), 47

Tuc (crosses), NGC 362 (filled triangles) and NGC 3201 (filled squares).
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Figure 3.2-A plot of ‘reduced’ line width, logW, vs [Fe/H] for the AAT

abundance standards. W, is defined in equation (3.10).
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could be observed. The coefficients C; and C; of equation (3.9) were not inde-
pendently derived for these nights: values from previous AAT slit spectroscopy
were adopted. The zero point Cy was derived independently from the local
velocity standards which were observed with both slit and fiber spectroscopy.
The corrections to Cy were 0.07 dex and 0.27 dex for the May 1985 and April
1986 observations respectively.

For the January 1985 KPNO 2.1 meter data, other abundance standards had
to be used. Table 3.3 has a list of these standards. The fit to these standards
was good to 0.25 dex. If the star N1904-89 was removed, then the fit was good
to 0.05 dex. Figure 3.3 shows log W, vs (B — V), for the KPNO standards.
The reduced line strength fit described in equations (3.10) and (3.11) is shown
in Figure 3.4. The coefficients of the fit described in equation (3.9) for these
data were : C,,C;,Cy; = —1.124,—1.600, 3.048

One difference in these KPNO observations from the AAT observations is
that the spectral range of the 2.1 meter observations was not sufficient to allow
measurements of the A\4384,4405 Fe line. Thus the A5270 Fe blend was sub-

stituted in its place. The accuracy of the abundances does not however seem

to have been compromised.

3.10 Calibration of Synthetic DDO Colors

In order to back up our results from section 3.9, we decided to calculate
DDO color indices for each of our program stars from the spectra. The DDO
system has had considerable success in recent years in measuring abundance,
surface gravity and interstellar reddening for late type giants. The DDO system
was also ideal for use in the wavelength range which we chose to use for our
spectra.

Figure 3.5 shows the response curves for the DDO 41, 42, 45 and 48 colors,

(so named according to their approximate wavelength centers). These filter
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Table 3.3 KPNO Abundance Standards

Cluster

NGC 1904
NGC 1904
NGC 1904
M 67
M 67
M 67
M 67

Star

89

153
15

135
164
105
108

(B - V)o

0.99
1.35
1.49
0.99
1.06
1.19
1.30

[Fe/H|

-1.69
-1.69
-1.69
0.00
0.00
0.00
0.00
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Reference

Stetson & Harris (1977)
Stetson & Harris (1977)
Stetson & Harris (1977)
Eggen & Sandage (1964)
Eggen & Sandage (1964)
Eggen & Sandage (1964)
Eggen & Sandage (1964)



Figure 3.3-A plot of log ZW), vs (B — V), for the KPNO abundance stan-
dards. Clusters observed were: M 67 (filled squares) and NGC 1904 (filled

circles).
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Figure 3.4-A plot of ‘reduced’ line width, log W, vs [Fe/H| for the KPNO

abundance standards. W, is defined in equation (3.10).
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Figure 3.5-A plot of the transmission curves for the DDO ‘41°, ‘42’, ‘45’
and ‘48’ filters. These were measured by McClure (1976). Transmission is

expressed as a percentage.
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responses were measured by McClure (1976), where transmission is a percent-

age. The DDO magnitudes were calculated as:

5= /A * L) S (1) dA (3.12)

1

where T;(A) is the response curve of filter 7 and S()) is the spectrum of the

star. Next:

m; = —25logX; — ¢;secz (3.13)
where ¢; is the extinction coefficient for filter + and z is the zenith distance of
the observation. |

The DDO magnitudes by themselves are not much use. It is in the colors
where the information lies. As our data were not flux calibrated, the colors
we calculate are not on the standard DDO system. In order to transform our
synthetic colors to the DDO system, we did some photoelectric observations of
the local velocity standards in each field.

We also have to consider the problem of reddening. The calibration of

surface gravity and abundance requires dereddened colors. The reddening laws

for the colors we used are:

C,(41 —42) = C(41 —42) —0.066E(B —V)
C,(42 —45) = C(42—45) —0.234E(B - V) (3.14)

C,(45 —48) = C(45—48) —0.354E(B — V)

These were found by McClure and van den Bergh (1968). For our estimates
of E(B — V) we used the values derived from the photometric parallaxes in
chapter 2. As the coefficients of reddening are fairly small, even an error of 0.05
~ magnitudes in E(B — V) will have a fairly small effect on the final colors when
compared to other errors.

The color errors due to photon statistics are of order 0.05 magnitudes. A

larger source of error will be in the calculation of the mean corrections from
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instrumental to true DDO colors. We estimate this error will be about 0.06

magnitudes. The results of this analysis will be discussed in chapters 4 and 5.

3.11 Revision of Stellar Distances

As was previously mentioned, the original stellar distances were calculated
assuming that all of the stars were giants with M 67 metallicity, and were
only used to select the candidate giants from the photometry. Now that we
have measured [Fe/H| abundances for each of our stars we can redetermine
the distances more accurately. We used color-magnitude diagrams of M 67
(Morgan & Eggleton 1978), 47 Tuc, M 3, M 5, M 92 (Sandage 1982), M 13 and
M 15 (Sandage 1970) to form a three dimensional grid in (B —V),, M, and
[Fe/H]. The approach we used was the same iterative technique discussed in
Chapter 2 with one important difference. The value of M, was found by linearly
interpolating the values calculated from the two cluster diagrams which were
just above and just below the metallicity of the star in question. Hence our

final distances reflect the metallicity of each individual star.
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CHAPTER FOUR

Results

4.1 The Radial Kinematics

4.1.1 Basic Theory

The radial components (Vg) and or were measured in two regions. One of
fhem was near NGC 6522 (Baade’s Window) at £ = 0’9 and the other near
NGC 2158 at £ = 186°7. As the longitude of Baade’s Window is fairly close
to zero, the contamination from the azimuthal component of velocity will be
insignificant. We must check that this is also the case for the NGC 2158 field,
by estimating the contribution of the azimuthal motion of stars in this field to
the observed velocity distribution and also the contribution from the motion of
the LSR and the sun’s peculiar motions. We define an angle « to be the angle
measured in the clockwise sense from the line of sight to the radial component
of the star’s velocity vector, in the sense shown in Figures 4.1a,b. The observed

velocity relative to the sun is then:
Vobs = Vpsina — Vg cos a — (Vo + V) sin € — Vg cos €] (4.1)

where V,, and Vg are the star’s tangential and radial components respectively
relative to a nonrotating frame, Vg is the circular velocity of the LSR and

Voo and Vgp are the sun’s peculiar tangential and radial velocities respectively.

Using the law of sines:

sinf sin{r —a) sinea
= = 4.2
R R, R, (4.2)

Therefore:
R,sin?
R

sina =

(4.3)
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Figures 4.1a,b- The geometric figures used for velocity deprojection. The
angle «a is defined as the angle measured in the clockwise sense from the line of

sight to the radial component of the star’s velocity vector.
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Using the law of cosines:

RZ _ R2 _ T2
Cos o = —OT (44)

Note that the sign of sin £ in equation (4.3) ensures that sin « has the correct
sign and the length of the distances R and r ensures that cos o has the correct
sign. For § = —(Vp + V,0)sinf + Vge cos{, (the solar contribution) we can
solve for Vj:

VR =V,tana — Vs seca + Sseca (4.5)

In order to calculate a mean radial velocity (V) for a sample of stars in some
interval of galactocentric distance R, we should take into account the variation
of a within this interval. Similarly, a calculation of the dispersion would have
to include cross terms involving o. However, Table 4.1 shows that sec o« and
tan a vary very little over a 1 kpc bin in the Baade’s Window and NGC 2158
fields. Hence it is safe to take the same value of « for all stars in a give radial

bin in these two fields. |

(Vr) = (V,) tana — (Vyp,) sec e + Ssec a (4.6)

To calculate the radial component of the velocity dispersion og, we start

with equation (4.5). Calculating (V) — (Vg)? directly from this we get:
(VB) — (Va)® = o,sec’ a+o)tan’ (4.7)
—2(Voss Vo) sec actan o + 2(Vops) (Vo) sec v tan o

where o0, is the azimuthal component of the velocity dispersion and o4, is the

dispersion in the observed radial velocities. If we multiply equation (4.1) by V,,

and average:
(Vobs Vo) = (V:) sin a — (V,Vg) cos o + (V,,) S (4.8)

Next, average equation (4.1) and multiplying by (V,,) gives:

(Voss) (Vi) = (Vi) sina — (V) (V) cos a + (V) S (4.9)
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Table 4.1 Calculation of sec @ and tan

Region R (pc) seca tan a
NGC 6522 1000 1.01 0.13
2000 1.00 0.07
3000 1.00 0.04
4000 1.00 0.03
5000 1.00 0.03
6000 1.00 0.02
7000 1.00 0.02
NGC 2158 9000 -1.01 0.10
10000 -1.01 0.09
11000 -1.00 0.08
12000 -1.00 0.07
13000 -1.00 0.07
14000 -1.00 0.06
15000 -1.00 0.06
16000 -1.00 0.06
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First we make the assumption that there is no net radial expansion in the
galaxy, i.e. (Vi) = 0. We shall see soon that this is strongly supported by our
data. Thus the term (V,,)(Vg)cos a in equation (4.9) is zero. Secondly, if we
assume that the principal axes of the velocity ellipsoid are in the R, ¢ directions,
the term (ViV,,) also vanishes. This is also a well founded assumption as the

vertex deviation for old stars is small (Delhaye 1965). Thus:

2 sec atan a((Vops)(Vy) — (VorsVy)) = —207 tan’ a (4.10)

and

2

0% = 02, sec’ o — o2 tan’ & (4.11)

From the values of sec a and tana in Table 4.1 we see that the azimuthal
contribution to equation (4.11) is negligible. Also, as |sec ¢| is almost 1 in both

fields, we shall make the approximation:

OR & Ogps (4.12)

from now on for the NGC 2158 and Baade’s Window fields.

As was mentioned previously, the distance errors will cause some uncertainty
in the calculated velocity. In Appendix I a method is developed for calculating
distance errors,’ taking into account photometric, reddening and metallicity er-
rors. The mean result is an error of about 15% in distance from the sun. If we
let

or = kr (4.13)

where k is the percentage error and r is the distance from the sun, then

R, = \/ri2 + R2 —2rR,cos?t (4.14)
R, = \/[r(l + k)]? + R2 — 2r(1 + k)R, cos £ (4.15)
6R = lRl — Rzl (4.16)
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If we then let p = R + 6 R and recalculate (Vg) from equation (4.6) we have

Awvpy = [(VR), — (Vr)R] (4.17)

The true error in the mean will be from a combination of this term and the

sampling error defined by the velocity dispersion. As these are not correlated

the true error in the mean is:

o
E(VR) = \/A%VR) -+ F{;-]—_ (4.18)

For op the approximation in equation (4.12) ensures that the calculation of

or has no explicit dependence on R. Hence:

fon = o (4.19)

4.1.2 Results

This section gives the main radial kinematic results for <ns1:XMLFault xmlns:ns1="http://cxf.apache.org/bindings/xformat"><ns1:faultstring xmlns:ns1="http://cxf.apache.org/bindings/xformat">java.lang.OutOfMemoryError: Java heap space</ns1:faultstring></ns1:XMLFault>